The M dwarf V374 Peg (M4) is believed to lie near the theoretical mass threshold for fully convective interiors. Its rapid rotation (P = 0.44 days) along with its intense magnetic field point toward magneto-centrifugal acceleration of a coronal wind. In this work, we investigate the structure of the coronal wind of V374 Peg by means of threedimensional magnetohydrodynamical (MHD) numerical simulations. For the first time, an observationally derived surface magnetic field map is implemented in MHD models of stellar winds for a low mass star. By self-consistently taking into consideration the interaction of the outflowing wind with the magnetic field and vice versa, we show that the wind of V374 Peg deviates greatly from a low-velocity, low-mass-loss rate solar-type wind. We have found general scaling relations for the terminal velocities, mass-loss rates, and spin-down times of highly magnetized M dwarfs. In particular, for V374 Peg, our models show that terminal velocities across a range of stellar latitudes reach u ∞ ≃ (1500 -2300)n −1/2 12 km s −1 , where n 12 is the coronal wind base density in units of 10 12 cm −3 , while the mass-loss rates are aboutṀ ≃ 4 × 10 −10 n 1/2 12 M ⊙ yr −1 . We also evaluate the angular-momentum loss of V374 Peg, which presents a rotational braking timescale τ ≃ 28n
INTRODUCTION
M dwarf (dM) stars comprise the most abundant group of stars in the Galaxy. Due to their small masses (∼ 0.06 -0.8 M⊙, Scalo et al. 2007) , they have long main-sequence lifetimes, which exceed the Hubble time. They are lowluminosity objects and because of that, their habitable zone, where liquid water may be found, is believed to lie very close to the star (Kasting et al. 1993 ). This makes dM stars prime targets in searches for terrestrial habitable planets.
From the point of view of stellar evolutionary theory, ⋆ E-mail: Aline.Vidotto@st-andrews.ac.uk dM stars lie on the boundary between fully convective stars (spectral types later than ∼M4) and stars with a radiative core (spectral types earlier than ∼M4). The latter are believed to host magnetic fields generated by solar-type dynamos, where the layer between the radiative core and the convective outer shell (the tachocline) produces rotational shear, which, in conjunction with convective motions, is able to amplify and maintain surface magnetic fields. The generation of magnetic fields in fully convective stars is still a matter of debate though. Because such stars lack a tachocline, the dynamo mechanism should be different from a solartype dynamo. Also, their nearly solid-body rotation indicates that the magnetic fields should cause a quenching of the surface differential rotation, an ingredient believed to be essential in field generation. Although details of the dynamo mechanism may still be unknown, the change in the stellar internal conditions appears to be reflect in the shift in the magnetic field large-scale topology around spectral type M4. The observation of surface magnetic field distributions suggests that early-dM stars host weak large-scale fields with dominantly toroidal and non-axisymmetric poloidal configurations (Donati et al. 2008) , while mid-dM stars host strong, mainly axi-symmetric large-scale poloidal fields (Morin et al. 2008a ).
This topology shift should produce a corresponding change in the coronal structure of the star, and, in particular, in coronal tracers such as X-ray and radio emissions. However, both the X-ray luminosity LX as well as the quiescent radio luminosity L rad do not present sharp transitions across the M4 boundary. L rad , for instance, remains relatively the same for all the spectral subtypes of dM stars, while LX is roughly proportional to the bolometric luminosity L bol , presenting a saturation limit of LX /L bol ∼ 10 −3 out to spectral types M7 (Delfosse et al. 1998; Berger et al. 2010) . As a consequence, a correlation between radio and X-ray emissions is observed for almost all the spectral subtypes of dM stars, with a sharp transition being seen only around spectral type M7 (Güdel et al. 1993; Berger 2006; Berger et al. 2010) . Because of such a correlation, it is often suggested that the origins of both X-ray emission, which is believed to trace the hot plasma contained in magnetic loop structures, and radio emission, which is believed to be produced by gyro-synchrotron radiation, are common and most probably due to the coronal magnetic fields.
Regarding rotation, the evolution of dM stars can be inferred from observations of open clusters at different ages (Irwin et al. 2006; Scholz & Eislöffel 2007; Hartman et al. 2009; Collier Cameron et al. 2009; Meibom et al. 2009 ). In young ( 700 Myr) open clusters, dM stars still present high rotation rates, which suggests that angular momentum losses at the early main-sequence phase are negligible for them (Irwin & Bouvier 2009 ). However, as the cluster ages ( 700 Myr), the number of rapidly rotating dM stars decreases, implying that there should exist a mechanism of angular momentum removal that acts on time-scales of a few hundred million years (Scholz & Eislöffel 2007) . For solarlike main sequence stars, the magnetised stellar wind is believed to spin down the star by carrying away stellar angular momentum. It has been observationally established that the angular velocity rate Ω0 for solar-like stars varies as a function of age t as Ω0 ∝ t −1/2 (Skumanich 1972 ). However, it seems that the empirical Skumanich's law is not valid for low-mass stars, suggesting that a solar-type wind (i.e., with low velocities and mass-loss rates) cannot reproduce the rotational evolution of fully-convective stars.
The existence of hot coronae, rapid rotation, and high levels of magnetic activity in dM stars suggests the presence of winds with an enhanced mass loss as compared to the solar wind. However, the low-density, optically thin winds of these stars prevents the observation of traditional mass-loss signatures, such as P Cygni profiles. The still unobserved high mass-loss rates from dM stars could be able to disperse debris discs, explaining why discs around dM stars older than 10 Myr are scarcely found (Plavchan et al. 2005 ).
Estimates of mass-loss rates from dM stars vary considerably. It has been suggested that the coronal winds of dM stars, despite of being very tenuous, possess mass-loss rates (Ṁ ) that can considerably exceed the solar value (Ṁ⊙ ≃ 2 × 10 −14 M⊙ yr −1 ) by factors of 10 to 10 4 (Mullan et al. 1992; Badalyan & Livshits 1992; van den Oord & Doyle 1997; Wargelin & Drake 2001) . Based on radio observations from IRAS, VLA and JCMT data, Mullan et al. (1992) estimated mass-loss rates for active dM stars (in particular, YZ CMi, Gl 644, Gl 873) of a few times 10 −10 M⊙ yr −1 . This result was contradicted by , who claimed that the active M dwarfs YZ CMi (dM4.5e) and AD Leo (dM3.5e) should presentṀ 10 −13 M⊙ yr −1 , and later on by van den Oord & Doyle (1997) , who suggested that the mass-loss rates of dM stars should be at maximum a couple ofṀ 10 −12 M⊙ yr −1 . van den Oord & Doyle (1997) pointed out that both YZ CMi and AD Leo are considered young stars (ages of about 0.5 -1 Gyr), and that at their early life,Ṁ should have been about one order of magnitude larger:Ṁ ∼ (1.1 -3.6) × 10 −11 M⊙ yr −1 . Even for the closest star to the Solar System, Proxima Centauri (dM5.5e), estimates of mass-loss rates are rather controversial. Wargelin & Drake (2002) suggest an upper limit ofṀ 3 × 10 −13 M⊙ yr −1 and suggesṫ M 7 × 10 −12 (u∞/300 km s −1 ) M⊙ yr −1 (where u∞ is the wind terminal velocity), although Wood et al. (2001) claim an upper limit ofṀ 4 × 10 −15 M⊙ yr −1 , 5 times below the value of the solar wind mass-loss rate. According to Zendejas, Segura, & Raga (2010) , if Proxima Cen is about 1 -4 Gyr old, the "young" Proxima Cen should have had considerably larger mass-loss ratesṀ ∼ (4 -64) × 10 −11 M⊙ yr −1 .
In this work, we investigate the coronal wind of a specific fully-convective dM star, V374 Peg, for which observed surface magnetic maps have been acquired (Donati et al. 2006; Morin et al. 2008b) . For this, we use three-dimensional (3D) magnetohydrodynamics (MHD) simulations based on our previous models developed for solar-like stars (Vidotto et al. 2009a ) and weak-lined T Tauri stars (Vidotto et al. 2009b (Vidotto et al. , 2010 . For the first time, an observationally derived surface magnetic field map is implemented in MHD models of stellar winds for a low-mass star. V374 Peg is a suitable case for modelling as a first step, because its surface magnetic distribution is close to potential, which implies that the adopted boundary conditions match the observed map closely. We self-consistently take into consideration the interaction of the outflowing wind with the magnetic field and vice-versa. Hence, from the interplay between magnetic forces and wind forces, we are able to determine the configuration of the magnetic field and the structure of the coronal winds. This paper is organised as follows. In Section 2, we present the details of the stellar wind model we use to describe the wind of V374 Peg. Section 3 presents the results of our simulations. In Section 4, we present the discussions of our work, including implications of the wind on habitability of planets. Section 5 presents the conclusion of our work.
THE NUMERICAL STELLAR WIND MODEL
Observations of the solar corona during eclipses have revealed the presence of closed magnetic loops, extending out to several solar radii. Beside the closed loops, regions of open magnetic field lines form coronal holes, from where the fast solar wind originates. Based on the observed solar configuration, bi-component coronal models, where closed and open magnetic field line regions coexist, have been used to explain the coronal structure of the Sun and other stars (Pneuman & Kopp 1971; Mestel & Spruit 1987; Keppens & Goedbloed 1999 , 2000 Ud-Doula & Owocki 2002; Matt & Pudritz 2008; Vidotto et al. 2009a Vidotto et al. ,b, 2010 . In these models, closed field structures form a belt around the equator of the star, while open field structures give rise to the fast solar/stellar wind. We adopt such wind models to simulate the yet unobserved wind of V374 Peg.
To perform the simulations, we use the 3D MHD numerical code BATS-R-US developed at University of Michigan (Powell et al. 1999 ). BATS-R-US solves the MHD equations in the finite-volume scheme. It has currently several approximate Riemann solvers available, although originally used the upwind Roe-type scheme. The temporal integration is performed using either an explicit, implicit or combined explicit-implicit time stepping scheme (details are found in Tóth et al. 2006) . We perform our calculation in an explicit scheme, where a two-level Runge-Kutta scheme is used. Here, we summarise the characteristics of our model. More details can be found in Vidotto et al. (2010) .
BATS-R-US solves the ideal MHD equations, that in the conservative form are given by
where ρ is the mass density, u the plasma velocity, B the magnetic field, p the gas pressure, g the gravitational acceleration due to the central body, and ε is the total energy density given by
We consider an ideal gas, so p = nkBT , where kB is the Boltzmann constant, T is the temperature, n = ρ/(µmp) is the wind density, µmp is the mean mass of the particle, and γ is the heating parameter (polytropic index). In practice, γ represents the energy balance of the wind, for which the details are unknown. In our simulations, we adopt γ = 1.2 and µ = 0.5. BATS-R-US uses a Cartesian computational domain that is block-based, where blocks can be either created or destroyed as the computation proceeds. To do that, an adaptive mesh refinement (AMR) technique is used in the MHD algorithm of BATS-R-US. Although we opted not to modify our grid resolution during the numerical computation, we used the AMR capabilities of BATS-R-US to construct a grid for the simulations of the wind of V374 Peg that is more refined around the star, which is placed at the centre of the Cartesian grid. The grid axes x, y, and z extend from −20 R * to 20 R * , where R * is the stellar radius. After applying 8 levels of refinement, the more refined zone of the grid (for r < 5 R * ) has cells with a resolution of 7.8 × 10 −2 R * . The inner boundary of the system is the base of the wind at radius r = R * , where fixed boundary conditions are adopted. The outer boundaries at the edges of the grid have outflow conditions, i.e., a zero gradient is set to all the primary variables (u, B, p, and ρ).
V374 Peg has mass M * = 0.28 M⊙, radius R * = 0.34 R⊙ and is rotating with negligible differential rotation (i.e., as a solid body) with a period of rotation P0 = 0.44 d (Morin et al. 2008b) . We consider that its axis of rotation lies in the z-direction. The simulations are initialised with a 1D hydrodynamical wind for a fully ionised plasma of hydrogen. Immersed in this wind we consider a magnetic field anchored on the stellar surface that has either a dipolar geometry ( §2.1) or a geometry derived from extrapolations from observed surface magnetic maps ( §2.2) using the potentialfield source surface (PFSS) method. The MHD solution is evolved in time from the initial magnetic field configuration to a fully self-consistent solution. We do not adopt fixed topologies for either the magnetic field or for the wind, as both the wind and magnetic field lines are allowed to interact with each other.
Dipolar Surface Field
Because V374 Peg presents a surface magnetic field distribution that is mainly dipolar, a dipolar field geometry was initially used for our simulations. This allows comparisons with the previous works of Vidotto et al. (2009a Vidotto et al. ( ,b, 2010 and with a realistic magnetic field distribution at the stellar surface. In such cases, the initial magnetic field configuration is described in spherical coordinates (r, θ, ϕ) by
To be compatible to the maximum intensity derived in the surface maps, we adopted a maximum intensity of the magnetic field of B0 = 1660 G, which is evaluated at the magnetic pole. Here, we assume that the dipole moment is aligned with the rotation axis of the star. Figure 1a shows the initial configuration of the magnetic field lines.
Observed Surface Field
In the remaining cases, we implemented a more realistic distribution of magnetic fields at the surface of the star. This is the first time an observed magnetogram has been included in a MHD wind model for a low-mass star. Figure 2 shows the radial, meridional and azimuthal components of the surface magnetic field of V374 Peg obtained through extrapolations of the surface map using the PFSS technique, as described in Jardine et al. (2002) . In the PFSS model, the stellar wind plasma is not included directly, but its effects on the magnetic field (and vice-versa) are incorporated through the inclusion of the source surface. Such a surface, for instance, alters the number of open magnetic field lines, through where a stellar wind could escape. PFSS methods are usually criticised because their basic assumptions (the magnetic field is a potential field and the source surface is spherical) may not always be met. However, the advantage of the PFSS method over the MHD models relies on its simplicity: it is simpler to implement and requires much less computer resources than MHD models. In our model, we use the magnetic field configuration derived by the PFSS method as initial condition and boundary condition at the surface of the star. We note that the surface maps presented in Figure 2 matches the observed maps closely. A meridional cut of the initial configuration of the magnetic field lines is presented in Figure 1b . The source surface (dashed circumference) is chosen to lie at rSS = 5 R * , where beyond that, the magnetic field is considered to be purely radial. We can see that the extrapolated field is indeed mainly dipolar, slightly inclined with respect to the rotational axis of the star (z-axis). We note that the surface of the star that occupies co-latitudes 120 o is never in view as the star rotates and so the magnetic field there can not be reconstructed reliably.
RESULTS
Our simulations require a set of input parameters for the wind. Unfortunately, some of them are poorly constrained by observations. For V374 Peg, the magnetic field is the betterconstrained parameter. We have, therefore, implemented in our previous models (Vidotto et al. 2010 ) surface magnetic maps derived by data acquired in 2005 Aug (Donati et al. 2006 ). These observations show that V374 Peg hosts an intense, mainly axi-symmetrical dipolar magnetic field, with maximum intensity of about 1660 G, i.e., 3 orders of magnitude larger than the Sun.
The wind temperature and density are less constrained for V374 Peg. We, therefore, adopt values representative of dM stars. dM stars are believed to host coronae with a high-temperature plasma ∼ 10 7 K in conjunction with a low-temperature one 2 -3 × 10 6 K (Schmitt et al. 1990; Giampapa et al. 1996) . In our models, we adopt a temperature at the base of the coronal wind of T0 = 2 × 10 6 K or 10 7 K. These coronal temperatures are about the same order of magnitude as the solar coronal temperatures of 1.56 × 10 6 K. Coronal densities inferred from X-ray observations of dM stars suggest densities ranging from 10 10 cm −3 to 5 × 10 12 cm −3 (Ness et al. 2002 (Ness et al. , 2004 . Therefore, we adopt, at the base of the coronal wind, densities in the range 10 10 -10 12 cm −3 . Compared to the solar coronal density of about ∼ 2 × 10 8 cm −3 , coronal densities inferred for dM stars are about 2 -4 orders of magnitude larger than for the solar corona.
The density, along with the magnetic field, are key parameters in defining the magnetic field configuration of the stellar wind and its velocity profile (Vidotto et al. 2009a,b) . Together, they define the plasma-β, defined by the ratio of thermal to magnetic energy densities. Therefore, at the base of the coronal wind of V374 Peg,
where the index "0" means the variable is evaluated at the base of the coronal wind, n10 = n0/(10 10 cm −3 ) and T6 = T0/(2 × 10 6 K). For n10 = 1 and T6 = 1, β0 is about 5 orders of magnitude smaller than for the solar wind (Pneuman & Kopp 1971) . This implies that the winds of dM stars are highly magnetised and, therefore, are expected to differ from solar-type winds. Table 1 presents the parameters adopted for the set of simulations we performed. The suffixes 'Dip' and 'Map' at the case name (first column) stand for the distribution of the surface magnetic field adopted: dipolar or from a magnetic map, respectively. The dipolar cases form the Set 1 of simulations while the cases with magnetograms form the Set 2.
We were able to find a MHD solution for the wind for all the simulations we ran, showing that it is possible to develop coronal wind models with a realistic distribution of magnetic field. In general, MHD wind models are studied under the assumption of simplistic magnetic field configurations, especially when in pursuit of an analytical solution. Therefore, the study of a magnetised coronal wind where an observed magnetic field distribution is considered has long been awaited. Our work also sheds some light on the yet unobserved winds from dM stars.
Our results show that cases where all parameters are the same, except for the surface magnetic field configuration (e.g., 1Dip/1Map, or 2Dip/2Map, and so on) present similar general wind characteristics and magnetic field configurations. The wind velocities are approximately the same for cases 3Dip and 3Map, although the details of the velocity profiles may differ. Overall, our solutions differ considerably from the solar wind solution, where a low-velocity wind (terminal velocities of u∞,⊙ ≃ 400 -800 km s −1 ) with low mass- Table 1 . Adopted parameters for the sets of simulations. The columns are, respectively: the case name, the density n 0 and temperature T 0 at the base of the coronal wind (r = R * ), the plasma-β parameter evaluated at R * [Eq. 7], the mass loss rateṀ , the angular momentum loss rateJ, and the time-scale for rotational braking τ . The case names are labelled either "Dip" or "Map" to indicate that the distribution of the surface magnetic field is, respectively, dipolar or from an observed magnetogram. for cases where n0 = 10 12 cm −3 , increasing as n0 decreases, while the mass-loss rates are aboutṀ ≈ 4 × 10 −10 M⊙ yr
increasing as n0 increases. A comparison of terminal velocities derived from simpler wind models is presented in Appendix A. We note that, based on more simplistic wind models, such as Weber & Davis (1967) , in the fast magnetic rotator limit, wind terminal velocities of ≃ 3320 km s −1 are expected for a wind mass-loss rate of about 10 −11 M⊙ yr −1 . Figures 1c and 1d present the final configuration of the magnetic field lines, where we note the similarities of the field topology for cases with a dipolar distribution of surface magnetic flux (Fig. 1c) and with a distribution given by observed magnetic maps (Fig. 1d) . As a result of the rotation of the star, the apparent positions of the magnetic poles in the initial (Fig. 1b) and in the final magnetic field configurations (Fig. 1d) are different because the plots represent two different stellar phases of rotation. Morin et al. (2010) suggested that the magnetic field structure of very low-mass stars may switch from a strong, simple field configuration to a weak, complex field over time. If this is the case for V374 Peg and its magnetic field is in such a transient state, its wind characteristics as well as mass-loss and angular momentum-loss rates are expected to change along with its magnetic field structure.
In the next sections, we present more details of our results divided in two sets defined by the configuration of the surface magnetic distribution adopted.
Set 1: Dipolar Field
Set 1 considers a magnetic surface distribution of a dipolar field. By comparing cases 1Dip, 2Dip, and 3Dip, i.e., where only the base coronal density n0 was varied, we found that the poloidal velocity of the wind scales approximately as
for a given B0.
This qualitatively agrees with previous results (Vidotto et al. 2009a) , where it was found that an increase in the density leads to winds with lower velocities. Simulations 1Dip, 2Dip, and 3Dip are in a very low-β regime, where magnetic effects completely override thermal and kinematic effects of the wind. The equation of motion in steady state reduces to
where j = c(∇ × B)/(4π) is the current density. For simplicity, let us take the radial component of previous equation and integrate it. Neglecting terms with p and ρg relative to the much larger magnetic term, the previous equation is rewritten as
This shows that in a domain where p ≪ B 2 (very low-β regime) and gravitational forces can be neglected, the squared velocity of the wind is inversely proportional to the density [Eq. (8)].
At the Alfvén surface, the poloidal wind velocity equals the local Alfvén velocity
As u 2 p,A ∝ 1/ρA for cases 1Dip, 2Dip, and 3Dip [Eq. (8)], the location of the Alfvén surface will only depend on the intensity Bp,A of the magnetic field at the Alfvén surface. As these cases possess the same magnetic field at the base of the coronal wind, and because the configuration of the magnetic field lines is very similar, the magnetic field at the Alfvén surface should be approximately the same. This implies that, despite the increase in the base density, the location of the Alfvén surface is similar for cases 1Dip, 2Dip, and 3Dip. This is different to what was found in Vidotto et al. (2009a) , where an increase in the coronal density modified the location of the Alfvén surface. This Alfvén surface saturation happens because simulations 1Dip, 2Dip, and 3Dip are in a very low-β regime. Therefore, Eq. (8) should be treated with caution, as under different β regimes (for example, when it approaches β0 ∼ 1), it becomes invalid. Figure 3a presents the scaled wind velocity profileūp for cases 1Dip, 2Dip, and 3Dip,
where n12 = n0/(10 12 cm −3 ). We note that the wind terminal velocity is u∞ ≈ (1500 -2300)n −1/2 12 km s −1 , where the range of velocities refers to different wind latitudes (lowwind velocity near the equator, high-wind velocity around the poles).
Equation (8) also implies that the mass-loss rate of the wind (Ṁ ∝ ρur) should scale aṡ
which means that, despite the fact that the wind velocity of case 3Dip is 10 times smaller than case 1Dip [Eq. (8)], its mass-loss rate is one order of magnitude larger than for case 1Dip [Eq. (13)]. This has implications on the efficiency of angular momentum loss, as will be shown in §4.1. The mass-loss rates for cases 1Dip, 2Dip, and 3Dip areṀ ≈ 4 × 10 −10 n 1/2 12 M⊙ yr −1 . Figure 3b shows the scaled poloidal velocity profileūp for case 4Dip. This case considers a different temperature at the base of the corona (10 7 K as opposed to 2 × 10 6 K), and, because of that, has a larger β0 (Table 1) . For this case, we did not find an analytical expression relating velocity and temperature. The Alfvén surface location and configuration of magnetic field lines are similar to the other dipolar cases, but the scaled wind velocityūp is smaller than the previous cases: u∞ ≈ (800 -1800)n −1/2 12 km s −1 . The lower velocity observed in case 4Dip happens because of its higher β0. The mass-loss rate for case 4Dip isṀ ≃ 2.5 × 10 −10 M⊙ yr −1 .
Set 2: Observationally Derived Magnetic Map
The results of the simulations where the magnetic field distribution at the surface of the star is set according to ob-served magnetic maps is presented in a similar fashion as done in §3.1: the profile of the scaled velocityūp [Eq. (12)] for cases 1Map, 2Map, and 3Map is shown in Figure 3c , while for case 4Map it is presented in Figure 3d . Because the magnetic field in the lower hemisphere of the star is not reliably reconstructed (co-latitudes 120 o of the surface of the star are not observed), a high-velocity wind develops there. Although this feature is local and does not affect the remaining parts of the grid other than radially away from the stellar surface, it is an artifact of our method and should not be taken into consideration (e.g., see the accumulation of magnetic field lines near the low-hemisphere of the star in Figure 1b) . The wind velocities of Set 2 are consistent with the wind velocities of Set 1, shown in §3.1. This can be seen by comparing Fig. 3a and 3c, and 3b and for case 4Map). This similarity occurs because the observed magnetic map does not deviate significantly from the dipolar field adopted in §3.1. Future works will consider other stars with more complex surface magnetic field distributions, where more significant deviations are expected.
Tests with different positions for the source surface showed that final configuration of the wind does not differ from what is presented in this paper.
DISCUSSION

Constraining Model Parameters: Angular Momentum Loss
One way to restrict the parameters of our model is by comparing the derived values for u∞ orṀ with observed values. However, traditional measurements of massloss rates or wind terminal velocities have not yet been precisely obtained for dM stars. Estimates of mass-loss rates from dM stars, for instance, are rather controversial, ranging from 10 to 10 4 times the solar wind massloss rate (e.g., Mullan et al. 1992; Badalyan & Livshits 1992; van den Oord & Doyle 1997; Wargelin & Drake 2001) , but predictions for sub-solar values exist as well (Wood et al. 2001) . Mass-loss rates derived from our wind models areṀ ≈ 4 × 10 −10 n 1/2 12 M⊙ yr
for cases 1Dip/1Map, 2Dip/2Map, and 3Dip/3Map, anḋ M ≃ 2.5 × 10 −10 M⊙ yr −1 for case 4Dip/4Map. Such values are in accordance with several estimates. Unfortunately, they do not allow us to constrain the input parameters of our model, in particular, the density at the coronal base.
Another possible way to restrict our model parameters is to compare the time-scale for rotational braking τ with the age t of V374 Peg. Because V374 Peg is a fast rotator, we expect that τ ≫ t. However, there exist only loose age estimates for V374 Peg. Delfosse et al. (1998) Delfosse et al. (1998) . Because age estimates are still loose and imprecise, its comparison with τ is not able to restrict our model parameters.
Observations of the rotation evolution of dM stars in open clusters at different ages, on the other hand, provide a way to constrain the time-scale τ for the angular-momentum loss. It has been suggested that τ ∼ 200 Myr or, mostly likely 400 -800 Myr, (Scholz & Eislöffel 2007) for dM stars.
Angular momentum of the star is carried away by the stellar wind. Because in some of our simulations there is no axi-symmetry, the torqueJ on the star has x, y and z components. Here, we are interested only on the z-component, as it is the only one responsible for the rotational braking (because the angular velocity of the star points in the z-direction). The z-component of the angular momentum carried by the wind is (Mestel & Selley 1970) 
where V = u − αẑ × r is the velocity vector in the frame rotating with angular velocity αẑ,ẑ is the unit vector that points in the z-direction, SA is the Alfvén surface that delimits the volume VA, andn is the normal unit vector to the Alfvén surface 1 . The first term on the right of Eq. (14) does not contribute to the z-component torque and is therefore null. The second term disappears in the case of a spherical Alfvén surface. It is also null in the axi-symmetric cases considered here (i.e., the dipolar cases), but it is non-null in the cases where a surface magnetic map is considered and it becomes relatively more important for the cases with larger adopted β0. The third term is the dominant term in our simulations.
We can estimate the time-scale for rotational braking as τ = J/J , where J is the angular momentum of the star. If we assume a spherical star with a uniform density, then J = 2/5M * R 2 * Ω0 and the time-scale is
where P0 = 2π/Ω0 is the rotational period of the star. For V374 Peg, this results in
BecauseJ depends on the mass flux crossing a given surface, i.e., on the mass-loss rate of the windṀ , from Eq. (13), we have a rough scaling relation betweenJ anḋ M for cases 1Dip/1Map, 2Dip/2Map, and 3Dip/3Maṗ
1 The computation of the local unit vectorn normal to the Alfvén surface was done with the routine developed by F. Alouani Bibi (Opher et al. 2009 ).
which implies in a time-scale [Eq. (16)] for rotational braking that scales as
For cases 1Dip, 2Dip, and 3Dip, this implies that τ ≃ 28n
Myr, while for cases 1Map, 2Map, and 3Map,
Myr. In either case, τ is well below the estimated solar spin-down time τ⊙ ≃ 7 Gyr (Weber & Davis 1967) . Table 1 presents the mass and angular momentum loss rates, and the time-scale for rotational braking calculated for all simulations, where we verify the approximate scaling given by Eqs. (13), (17), and (18). Comparing to the observationally derived rotational braking time-scales of a couple of hundreds of Myr for dM stars is open clusters (Scholz & Eislöffel 2007) , we tend to rule out cases with larger coronal base densities (i.e., n0 10 11 cm −3 ). According to this comparison, the most plausible wind density is the one used for models 1Dip/1Map. Such a density is also able to reproduce typical emission measures of dM stars (EM ≈ 10 51 cm −3 ) and comparatively (with the remaining cases) smaller mass-loss rates and higher wind velocities.
Because of its high mass-loss rate, V374 Peg is expected to lose about 0.01 M⊙ (i.e., ∼ 3.5% of its mass) during a time-scale τ . If the star persists on losing this amount of mass during a longer period of time, this could have significant effects on its evolution. However, when the star ages and both its rotation as well as the stellar surface magnetic field intensity are reduced, its mass-loss rate is expected to become less intense and therefore present a less significant effect on the evolution of the star.
There is also great interest in low-mass stars at young ages, when accretion discs are still observed. Accretion rates observed for pre-main sequence low mass stars (Herczeg & Hillenbrand 2008) are comparable to the wind rates that we derived here. Although it is not straightforward to extend our models to these very early phases, we note that the high wind rates we predict could have important consequences for the evolution of low-mass stars and their discs.
With the inclusion of an observed distribution of surface magnetic field, we head towards a more realistic modelling of magnetised coronal winds. Never the less, our model presents limitations, such as the neglect of a detailed energy balance. Instead, we consider a polytropic relation between pressure and density (or temperature) parametrised through γ in the derivation of the energy equation Eq. (4). Once the magnetic field distribution is set, the thermal pressure adjusts itself in order to provide a distribution of heating/cooling that is able to support the MHD solution obtained (Low & Tsinganos 1986) . If the wind of V374 Peg is able to cool down, e.g., by radiative cooling not considered in our models, the terminal velocities of the wind could be considerably smaller. Depending on where in the wind energy deposition (or removal) occurs, the wind velocity may change, without affecting the mass-loss rates. For instance, if a substantial cooling occurs above the Alfvén surface, the velocity profile of the wind from that point outwards will be affected. As the information of what is happening above the Alfvén point cannot be transmitted to the sub-Alfvénic region, the wind density and velocity profiles in the proxim- ity of the star will not be changed, and consequently neither the stellar mass-loss/angular momentum-loss rates.
Departure from Potential Field
Here, we compare the results of our MHD modelling of the wind of V374 Peg with the output of the PFSS method, which was used as the initial configuration for the magnetic field lines in Set 2 of our simulations. Such a configuration is shown in Fig. 1b . The spherical source surface is located at r = rSS = 5 R * and represented by the dashed circumference. The field is considered to be everywhere potential, and its surface distribution derived from observed surface magnetic maps. Above r = rSS, the PFSS method assumes that the magnetic field is purely radial, decaying as r −2 . Ideally, we would like to compare the size of the source surface derived from the MHD modelling. However, this comparison is not straightforward, as there is no surface beyond which the magnetic field lines are purely radial in the MHD model. To overcome this difficulty, Figure 4 shows an isosurface of |Br|/B = 0.97, which represents the surface where 97 percent of the magnetic field is contained in the radial component (Riley et al. 2006) . The first immediate conclusion from the comparison between this isosurface and the source surface of the PFSS method is the lack of sphericity of the former. Moreover, the size of the surface is considerably smaller than the radius rSS = 5 R * adopted in the PFSS method. In our MHD model, the average size of the isosurface is rSS = 2.6 R * , extending toward the poles out to 1.9 R * and toward the equator out to 2.9 R * . We note that this size is very similar to the adopted size of 2.5 solar radii from PFSS methods of the solar coronal magnetic field.
The stored magnetic energy contained in the potential field is in the lowest state, i.e., it is the the minimum value of energy that the magnetic field lines can store. In the MHD wind case, excess energy is contained in the magnetic field lines due to stresses imposed by the wind. To quantify the departure of the MHD solution from the potential field solution, we evaluate the stored magnetic energy in each case. Defining the mean magnetic energy as 
where V is a given volume, we calculated the ratio f between the energy contained in the MHD solution and the one in the PFSS solution
For a volume contained between r = 1 and 5 R * , f = 1.5, implying that the MHD solution has stored about 50 percent more magnetic energy than the potential field solution. The same evaluation from r = 1 to 2 R * results in f = 1.3 and from r = 2 to 5 R * results in f = 2.8. We conclude that closer to the star, the MHD solution deviates little from the potential field solution. However, the departure from a potential field becomes more important farther out from the star. The existence of currents in the MHD solution also illustrates the departure of the magnetic field configuration from a potential one. In contrast to the PFSS method, which assumes null currents everywhere (j ∝ ∇ × B = 0), in the MHD wind modelling, current densities arise naturally. Figure 5 shows the profile of current densities, which is similar in all the simulations of the wind of V374 Peg. This similarity occurs because, in the ideal MHD, j only depends on the intensity and configuration of the magnetic field, whose characteristics are similar in our simulations. The current density is maximum near the star and it decreases with distance. A more intense current sheet is seen separating the closed-field line region and the open-field line region.
Effects on Habitability
The concept of habitable zones relies on the location where liquid water may be found, which is essentially determined by the luminosity of the star. Because dM stars are lowluminosity objects, the habitable zone is believed to lie near the star. However, a strong wind is able to erode the atmosphere of a planet, removing an important shield to the creation and development of life. The ram pressure pw of the wind that impacts on a planet orbiting V374 Peg is
whereṁ = ρurr 2 . In the asymptotic limit of the wind velocity, for large distances from the star, 
where the range of values exists due to different latitudinal wind velocities. We note that pw,∞ does not depend on the density assumed for our wind models of V374 Peg. Therefore, even an increase in the wind mass-loss rate (e.g., through an increase in the wind base density) would not have any further effect on an orbiting planet, because there is an associated decrease in the wind velocity. For the solar wind
where we have usedṀ⊙ = 2 × 10 −14 M⊙ yr −1 and u∞,⊙ = 400 km s −1 . Therefore, the wind of V374 Peg has a ram pressure that is about 5 orders of magnitude larger than for the solar wind. The immediate question we ask ourselves is how strong the planetary magnetic field should be in other to shield the planet's atmosphere from the erosive effects of the wind. Pressure balance between the wind total pressure and the planet total pressure requires that, at a distance rM from the planet,
where pw, Bw and p are the local wind ram pressure, magnetic field and thermal pressure, and Bp,r M and pp are the local planetary magnetic field intensity and thermal pressure. Far from the central star, pw → pw,∞, while Bw and p become negligible. Assuming that the planetary magnetic field is dipolar, Bp,r M = Bp (Rp/rM ) 3 , where Bp is the equatorial planetary magnetic field intensity at its surface and Rp is the planetary radius. A minimum magnetic shielding of the planet requires that rM > Rp. Therefore, for a planet orbiting V374 Peg at r = 1 AU, the minimum planetary magnetic field required is
where we assumed that pp is negligible. A significant pp would only increase the limit obtained before. Therefore, for a planet orbiting far from the star (∼ 1 AU), a magnetic field of only 0.1 G would be sufficient to prevent atmospheric erosion caused by the wind. In the asymptotic limit of the wind, Equations (22) and (26) show that Bp,min ≃ 0.1[(1 AU)/r] G. However, it should be noted that for planets orbiting closer to the star, pw > pw,∞ and both the magnetic and thermal wind pressures in Equation (25) may not be negligible. Therefore, the minimum planetary magnetic field for shielding is
The habitable zone for a 0.5M⊙ star is believed to lie between 0.2 -0.5 AU, while for a 0.1M⊙ star, it is thought to lie much closer, between 0.02 -0.05 AU (Kasting et al. 1993) . Therefore, using the results from our wind models and neglecting pp, for a planet orbiting on the equatorial plane of V374 Peg at r = 0.03 AU,
This implies that, in order to prevent atmospheric erosion, a planet orbiting inside the habitable zone of V374 Peg would require a minimum magnetic field intensity of a few G. Considering that this is the magnetic field at the equator of the planet, its minimum field intensity at the pole is ∼ 8 G, which is about half the intensity of Jupiter's magnetic field (∼ 16 G, Connerney et al. 1998) . In fact, a planet with the same magnetic field intensity as Jupiter would have, at 0.03 AU from V374 Peg, a magnetospheric radius of rM ≃ 1.5 Rp, where we assumed that pp ≈ 0. Ultimately, when the star ages, the stellar rotation brakes, reducing the stellar surface magnetic field intensity, and therefore the wind velocity. In this case, the ram pressure felt by the planet will tend to decrease.
CONCLUSIONS
We have presented 3D MHD numerical simulations of the wind of the M dwarf star V374 Peg. Starting from an initial magnetic field configuration and a thermally-driven wind, the wind is evolved in time, resulting in a self-consistent interaction of the wind and the magnetic field. We analysed cases where the surface distribution of magnetic field was set to be either simply dipolar or set as potential field extrapolations from observed magnetic field maps. This is the first time that an observationally derived surface magnetic field map has been implemented in a MHD model of stellar wind for a low-mass star. Our first goal was to confirm that observed maps could be reliably incorporated into the MHD code by comparing the results with those from a simple dipole. This is a necessary first step before the more complex fields of other low-mass stars (Morin et al. 2008a; Morin et al. 2010; Donati et al. 2008 ) can be modelled. In all our simulations, we found MHD solutions for the wind of V374 Peg, showing that it is possible to develop coronal wind models with a realistic distribution of magnetic field. Our solutions showed that, close to the surface of the star, the magnetic field deviates little from the potential field solution. The 'effective source surface' of the MHD models, i.e., where the magnetic field is mainly cointained in the radial component, has an average radius of 2.6 R * , about half the size of the radius adopted in the potential field solution used as initial condition.
For V374 Peg, the model parameter that is better constrained is the surface magnetic field, from which magnetic maps have been derived. Other parameters needed by our models, such as coronal densities and temperatures, were adopted as representative of dM stars, and varied as to analyse their implications on the wind of V374 Peg. Adopting such parameters (Table 1) , we noted that V374 Peg presents a highly magnetised corona, with plasma-β parameters of the order of 10 −5 -10 −3 at the base of the corona. This is considerably smaller than β adopted for the base of the solar corona (β⊙ ≃ 1), which implies that the wind of V374 Peg may deviate greatly from a low-velocity, low-mass-loss rate solar-type wind. In the fast magnetic rotator limit, the more simplistic stellar wind model developed by Weber & Davis (1967) predicts terminal velocities of ≃ 3320 km s −1 for a wind mass-loss rate of about 10 −11 M⊙ yr −1 (Appendix A). For our models with T0 = 2 × 10 6 K and B0 = 1660 G, we showed that terminal velocities are around (1500 -2300)n −1/2 12 km s −1 where n12 = n0/(10 12 cm −3 ), while the mass-loss rates are aboutṀ ≃ 4 × 10 −10 n 1/2 12 M⊙ yr −1 . We also estimated the characteristic time τ that the magnetised wind of V374 Peg would take to remove angular momentum of the star, and therefore, brake stellar rotation. We found that the angular momentum-loss rate scales with the massloss rate, and that τ ≃ 28n
Myr. Compared to observationally derived values from period distributions of stars in open clusters, this value suggests that V374 Peg may have low coronal base densities ( 10 11 cm −3 ). Once wind densities are better observationally constrained, we will be able to further restrict our model parameters and, consequently, the derived wind characteristics. The scaling relations we found should be applicable to other highly magnetized dM stars, although their constants should differ from the ones obtained for V374 Peg.
We investigated the possible effects the wind may have on the habitability of a planet orbiting V374 Peg. We found that the wind ram pressure impacting on a planet is about 5 orders of magnitude larger than the ram pressure of the solar wind for a planet orbiting at same distance. This high ram pressure of the wind of V374 Peg could result in erosion of the planet's atmosphere in the case the planet does not possess a sufficiently high magnetic field able to shield it from the stellar wind. For a planet orbiting at ∼ 1 AU, we estimated the minimum necessary magnetic field to be ∼ 0.1 G. However, for planets much closer to the star, possibly in the habitable zone, the wind ram pressure is much larger, which could present a problem for the creation and development of life. Never the less, we estimated that a planetary magnetic field of about half Jupiter's intensity would be able to protect the planet from the erosive effects of the powerful stellar wind of V374 Peg.
